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ABSTRACT
The nature of the seeds of the observed high-z supermassive black holes (SMBH) is unknown.
Although different options have been proposed, involving, e.g. intermediate mass direct col-
lapse BHs, BH remnants of massive stars remain the most natural explanation. To identify the
most favourable conditions (if any) for their rapid growth, we study the accretion rate of a
M• = 100 M� BH formed in a typical z = 10 galaxy under different conditions (e.g. galaxy
structure, BH initial position, and velocity). We model the galaxy baryonic content and follow
the BH orbit and accretion history for 300 Myr (the time span in 10 > z > 7), assuming the
radiation-regulated accretion model by Park & Ricotti (2013). We find that, within the limits
of our model, BH seeds cannot grow by more than 30 per cent, suggesting that accretion on
light-seed models are inadequate to explain high-z SMBH. We also compute the X-ray emis-
sion from such accreting stellar BH population in the [0.5–8] keV band and find it comparable
to the one produced by high-mass X-ray binaries. This study suggests that early BHs, by X-ray
pre-heating of the intergalactic medium at cosmic dawn, might leave a specific signature on
the HI 21 cm line power spectrum potentially detectable with SKA.
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1 IN T RO D U C T I O N

The presence of extremely bright quasars revealed by high-redshift
observations (Fan et al. 2006; Willott et al. 2007; Mortlock et al.
2011; Bañados et al. 2014; Venemans et al. 2015; Jiang et al. 2015;
Wu et al. 2015) represents a challenge to our understanding of the
early Universe. As the large bolometric luminosity (≈1046erg s−1)
and hardness of their spectra rule out a stellar nature of their central
engine, quasars are now canonically interpreted as being powered
by supermassive black holes (SMBH). In spite of this progresses,
additional questions about their origin are nevertheless left unan-
swered. As an example, assembling the mass M = 2 × 109 M�
deduced for the quasar ULAS J1120+0641 at z = 7.085 (i.e. 770
billion years after the big bang) (Mortlock et al. 2011) requires the
SMBH seed to sprout with mass larger than 400 M� and accrete
at least at the Eddington rate throughout its lifetime. Unfortunately,
both these preconditions are uncomfortably demanding due to cur-
rent estimates of the mass of first stars (Omukai, Hosokawa &
Yoshida 2010; Greif et al. 2011; Bromm & Yoshida 2011) and to
the radiative feedback effects that limit the matter accretion rate
(Johnson & Bromm 2007; Alvarez, Wise & Abel 2009).

In confident expectation of illuminating observations from
present and future telescopes, a wide range of SMBHs formation
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scenarios has been explored theoretically, each of them provid-
ing a different, and potentially testable, explanation of the seeds
nature (see Volonteri 2010; Volonteri & Bellovary 2012; Haiman
2013; Latif & Ferrara 2016 for reviews on this topic). Currently,
the most popular interpretation relies on the monolithic gravita-
tional collapse of pristine gas in atomic-cooling (virial temperature
Tvir ≥ 1.5 × 104K), H2-free primordial haloes, leading to a single
10 4−6 M� direct-collapse black hole (DCBH).

Although this process would be ideal to account for the observed
rapid growth of the SMBHs (see e.g. Rees 1984; Ferrara et al. 2014
for a discussion), this scenario is still awaiting a solid observa-
tional confirmation. The detection of powerful Ly α line emission,
combined with the initial claim of a prominent HeII line (recently
unconfirmed by the SILVERRUSH project; Shibuya et al. 2017)
and absence of detectable metal lines, in the z = 6.6 galaxy CR7
raised hopes that a DCBH was finally identified. The peculiar emis-
sion properties of CR7 (Sobral et al. 2015) could in principle arise
from sources formed by pristine gas: either a cluster of Population
III stars or a DCBH. Following Pallottini et al. (2015), who com-
pared the spectrum expected from a 105 M� DCBH with the one
of CR7, several authors (Agarwal et al. 2016; Hartwig et al. 2016;
Visbal, Haiman & Bryan 2016; Smith, Bromm & Loeb 2016; Smidt,
Wiggins & Johnson 2016; Dijkstra, Gronke & Sobral 2016) inves-
tigated the possible identification of CR7 with a DCBH. Although
photometric observations by Bowler et al. (2017) in the optical,
near-IR, and the mid-IR bands seem to favour a faint-AGN nature
of CR7, Pacucci et al. (2017) confirm that those observations are

C© 2018 The Author(s)
Published by Oxford University Press on behalf of the Royal Astronomical Society

D
ow

nloaded from
 https://academ

ic.oup.com
/m

nras/article/480/1/681/5034522 by Luisa Ferrini user on 08 January 2026

mailto:carmela.orofino@sns.it
mailto:andrea.ferrara@sns.it
mailto:simona.gallerani@sns.it


682 M. C. Orofino, A. Ferrara and S. Gallerani

still consistent with a DCBH and suggest that future spectroscopic
observations with JWST are required to solve the puzzle. To date,
although Pacucci et al. (2016) proposed two good candidates (z >

6 objects in the CANDELS/GOODS-S field with X-ray counterpart
revealed by Chandra), no detection of early SMBH progenitors has
been confirmed.

Alternatively, heavy seeds formation could occur in low-
metallicity, dense stellar clusters where, due to the energy equipar-
tition theorem, the most massive members tend to sink to its centre.
According to several authors (Spitzer 1969; Vishniac 1978; Begel-
man & Rees 1978; Lee 1987; Quinlan & Shapiro 1990), if such
mass segregation occurs within a time-scale of 3 Myr, a very mas-
sive star can be assembled, eventually leading to the formation of an
intermediate mass BH at the end of its evolution. Omukai, Schnei-
der & Haiman (2008) and Devecchi & Volonteri (2009) calculated
that these dense, low-metallicity clusters could form at z ∼ 15 in
dark matter haloes of about 108 M�. Moreover, Davies, Miller &
Bellovary (2011) suggested that runaway merger of stellar mass
BHs in clusters driven by free-fall inflow of self-gravitating gas can
produce a BH seed above 105 M�. Lupi et al. (2014) found that
this route is feasible, peaks at z < 10 and it is independent on the
metal content of the parent cluster.

Given the above uncertainties on the formation mechanisms,
abundance, and properties of intermediate-mass seeds, remnants
of massive stars remain the simplest, and perhaps most natural,
SMBH seed candidates. Their mass depends on the metallicity,
mass, and rotation speed of the parent star and is ultimately as-
sociated to the properties of the birth environment (Ciardi & Fer-
rara 2005); however, recent results have converged on intermediate
masses (≈50 M�) (Omukai et al. 2010; Greif et al. 2011), i.e. much
lighter than those characterizing DCBHs. Hence, it is interesting to
clarify whether favourable conditions for the rapid growth of these
light seeds may exist in primordial haloes.

SMBH growth from light seeds has already been preliminary
studied by other authors. For example, Alvarez et al. (2009) stud-
ied stellar BH accretion including radiative feedback effect in an
adaptive mesh refinement cosmological simulation. Due to radia-
tive feedback, their BHs do not gain mass at a sufficiently high rate
to grow into a fully fledged SMBH. Lupi et al. (2016) present re-
sults from a suite of numerical high-resolution simulations aimed at
studying the growth of stellar-mass BHs at super-Eddington accre-
tion; they found that some of their BHs reach 103–104 M�, making
them good seeds candidates. Clearly, due to their computational
complexity, numerical simulations can explore only a narrow re-
gion of the parameter space; here, we propose a seminumerical
approach that allows a much wider investigation on the physical
parameter space of the problem.

In this analysis, we focus on the growth of a stellar mass BH
with reference mass of 102 M� in a z = 10 galaxy. In particular,
we derive its accretion history including radiative feedback effects
under different initial conditions (galaxy structure, BH position,
and velocity) by following its orbit, and predict its time-dependent
accretion luminosity from a detailed spectral model.1 The paper is
organized as follows: in Section 2, we present our model (describ-

1Throughout the paper, we assume a flat Universe with the following cosmo-
logical parameters: �m = 0.308, �� = 1 − �m = 0.692, and �b = 0.048,
where �M, ��, �b are the total matter, vacuum, and baryonic densities, in
units of the critical density, and h is the Hubble constant in units of 100 km
s−1 (Planck Collaboration XIII 2016).

Table 1. Parameters of dark matter haloes considered in this work.

Tvir (104K) Mvir (107 M�) rvir(kpc) c

0.5 1.0 0.6 4.3
1 2.9 0.9 4.1
5 32.7 2.0 4.0
10 92.4 2.9 3.9

ing the host galaxy and BH accretion/emission), Sections 3 and 4
contain the results. Conclusions are given in Section 5.

2 MO D EL

Our main aim is to model the accretion and growth history of a
stellar mass BH orbiting in a high-redshift galaxy (7 < z < 10). In
the following, we describe how we set up the galaxy density within
the host dark matter halo. Next, we describe how we compute the
BH accretion, associated emission, and dynamics.

2.1 Host galaxy structure

The BH accretion rate (i.e. the mass accreted per unit time) strongly
depends on the density of the surrounding material. Hence, accretion
models have to define the gas distribution in the host galaxy. Our
analysis focuses on spherical and disk galaxies, hosted in z = 10
dark matter (DM) haloes. The structural relations among the virial
halo mass (Mvir), the virial temperature (Tvir), and radius (rvir) at z

= 10 are as follows:

Mvir = 0.54 × 108h−1

(
Tvir

19800K

)3/2

M� (1)

rvir = 1.05 h−2/3

(
Mvir

108 M�

)1/3

kpc, (2)

where we have assumed a gas mean molecular weight μ = 1.2
appropriate for a neutral, primordial gas. We assume that, within rvir,
virialized dark matter haloes have a universal (spherically averaged)
density profile, according to the numerical simulations of Navarro,
Frenk & White (1995) (NFW, hereafter):

ρNFW(r) = ρcδc

cx(1 + cx)2
, (3)

where x = r/rvir, ρc = 3H2/8πG is the critical density, and c is the
halo concentration parameter taken from Prada et al. (2012); δc =
200c3/3F(c) is a characteristic overdensity and

F (c) = ln(1 + c) − c

1 + c
. (4)

Outside the virial radius, a cut-off on the mass is assumed. The
values of Mvir, rvir, and c for the reference Tvir = (0.5, 1, 5, 10) ×
104K DM haloes are given in Table 1. According to Di Matteo et al.
(2017), massive BHs (up to 108 M�) at z = 8 are hosted in haloes
with virial temperature above 106 K, however these haloes are far
less abundant than the 104−5 K haloes considered in this work.

The halo mass contained within a radius r,

M(r) =
∫ r

0
4πr ′2ρ(r ′)dr ′ = Mvir

F (cx)

F (c)
, (5)

can be translated into a circular velocity

v2
c (r) = GM(r)

r
= v2

c

F (cx)

xF (c)
, (6)
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Figure 1. Gas density profile in a Tvir = 104K DM halo for the spherical
(blue line, equation 8), and disk-like galaxy model (red line). Note that the
disk central density is about 105 times higher than the spherical case.

where v2
c = GMvir/rvir . The escape velocity from radius r is2

v2
e (r) = 2

∫ rvir

r

GM(r ′)
r ′2 dr ′ ≈ 2v2

c

F (cx) + cx
1+cx

xF (c)
(7)

and reaches a maximum 2v2
c [c/F (c)] at the halo center.

After virialization, the gas attains an isothermal equation of state
(i.e. P ∝ nγ , with adiabatic index γ = 1). This entails a sound speed
cs = (γ kBTvir/μmp)1/2 = 8.3T

1/2
vir,4 km s−1, where mp is the proton

mass.3 The gas settles in approximate hydrostatic equilibrium in the
dark matter potential, and its density profile is (Makino, Sasaki &
Suto 1998)

ρg = ρ0 exp

{
− μmp

2kTvir

[
v2

e (0) − v2
e (r)

]}
; (8)

the central density ρ0 = 840h−2ρc has been obtained by imposing
that the gas mass fraction within rvir is equal to �b/�m. The gas
density profile ρg(r) in a DM halo with Tvir = 104K is shown in
Fig. 1.

The dissipational collapse of a fraction of the baryonic com-
ponent (whose specific angular momentum is assumed to be the
same as the DM one, Jvir) leads to the formation of a disk. In an
almost neutral, primordial composition4 gas, cooling is essentially
provided by H2 rotational lines, which are excited above 300 K.
However, H2 molecules can be dissociated by an intense Lyman–
Werner background (Bromm & Loeb 2003); in this case, cooling
process is mainly provided by the Ly α emission of neutral H. Such
process works above some minimum temperature ≈8000 K. In this
work, we assume that the disk can cool down to Td = 300 K due
to H2 cooling.5 We refer to Omukai et al. (2005) for a detailed
description of the cooling process.

Following Mo, Mao & White (1998) and Mao, Mo & White
(1998), let us assume the disk settles onto an exponential surface

2The approximation in equation (7) comes from the integral up to infinity.
This approximation slightly overestimates the value of the escape velocity,
but the density profile equation (8) is correct within 1 per cent.
3Throughout the paper, we use the notation Yx = Y/10x

4Heavy element and dust cooling become important only for metallicities Z
� 10−4.
5The sound speed in the disk is: cs,d(Td = 300 K) = 1.5 km s−1.

density profile


(R) = 
0e−R/Rd , (9)

where R =
√

x2 + y2 is the radial coordinate on the disk plane,
Rd the scale length, and Md = 2π
0R

2
d the total mass of this disk

(taken to be 5 per cent of the total mass, see below). We further
assume that baryons not ending up in the disk retain the hydrostatic
distribution (equation 8). The disk gravity induces a contraction
of the DM, whose modeling is particularly challenging. It is also
possible that violent baryonic processes occurring in the galactic
disk (e.g. SN feedback) flatten the central DM density cusp into a
constant density core (Pontzen & Governato 2012). However, since
the disk mass is 5 per cent of the system total mass, we neglect in
this work any variation arising from disk formation on the NFW
profile. At Td = 300 K, the Toomre stability criterium predicts that
the galactic disk would fragment into clumps. In this work, the
BH travels in a uniform medium, even if a more rigorous approach
should account for the probability to pass through clumps: nev-
ertheless, we calculated that if the BH spends all the integration
time in a clumpy medium (n ≈ 102 cm−3; Pallottini et al. (2017) its
maximum mass increment would be about 30 per cent, in agreement
with the main result of this study. Lupi et al. (2016) state that the
large reservoir of dense cold gas in a clumpy medium allows super-
Eddington accretion via slim-disk evolution. Fiacconi et al. (2013),
Tamburello et al. (2017), and Souza Lima et al. (2017) studied the
orbital decay of massive BH pairs in a clumpy circumnuclear disk,
important to predict BH dynamics in galaxy mergers remnants. In-
deed, our study neglects that the density field of galaxies can be
affected by galaxy mergers; for a comprehensive review of the evo-
lution of galaxy structure from first galaxies to the local Universe
see Conselice (2014).

The disk properties can be derived in a simple way from those
of the halo. The halo rotation can be expressed through the spin
parameter,

λ = Jvir
√|E|

GM
5/2
vir

, (10)

which is a measure of the rotational-to-gravitational energy of the
system. Numerical simulations show that λ is basically independent
of halo mass, redshift, and cosmology, and that its distribution for
cold dark matter haloes is well fitted by a lognormal distribution
that peaks at λ = 0.05 (Barnes & Efstathiou 1987; Macciò et al.
2007). We assume that the disk mass and angular momentum are a
fixed fraction of the halo ones, so that:

md = Md

Mvir
, jd = Jd

Jvir
. (11)

According to Mo et al. (1998), consistency with observational re-
sults requires jd ≈ md ≈ 0.05.

For a given rotation curve vc(r), the angular momentum of the
disk is:

Jd =
∫ rvir

0
2π
(r)r2vc(r)dr = 2MdvcRdFR, (12)

with

FR = 1

2

∫ rvir/Rd

0
u2e−u vc(uRd)

vc
du, (13)

u = r/Rd, calculated using the fitting formula provided by (Mo et al.
1998),

FR ≈
(

jdλ

0.1md

)q

(1 − 3md + 5.2m2
d)g(c), (14)
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where q = −0.06 + 2.71md + 0.0047(md/jdλ), and g(c) = (1 −
0.019c + 0.0002c2 + 0.52/c). Using the virial theorem, the total
energy of the halo is:

E = −K = −Mvirv
2
c

2
FE, (15)

where the factor FE encloses deviations from the energy of an
isothermal sphere (E = − 1

2 Mvirv
2
c assuming all particles to be in

circular orbits), and depends on the exact shape of the halo density
profile; for the NFW profile one finds

FE = c

2F 2(c)

[
1 − 1

(1 + c)2 − 2 ln(1 + c)

1 + c

]
. (16)

Combining equations (10 )–(12) and (15), we finally find Rd in
terms of md and jd:

Rd = λ√
2

(
jd

md

)
F−1

R F
−1/2
E rvir. (17)

We assumed the disk to have a constant vertical density ρd(R,
z) = 
(R)H−1, for |z| ≤ H, and ρg (equation 8), otherwise. The
scale height H of the disk can be easily calculated if hydrostatic
equilibrium is assumed:6

dP

dz
= −ρgz. (18)

Then, if we assume the gravity is dominated by the halo, the grav-
itational accerelation at a distance

√
R2 + z2 from the disk center

can be approximated by:

g = GM(R)

R2 + z2
, (19)

with

gz = GM(R)

R2 + z2
sin θ = GM(R)

R2 + z2

z√
R2 + z2

, (20)

where θ is the angle between g and r. At the disk edge, R = Rd > z:

gz ≈ GM(R)z

R3
d

, (21)

and equation (18):

dP = −ρ
GM(Rd)z

R3
d

dz. (22)

For R = Rd, the z-dependence of ρ can be neglected and the inte-
gration between 0 and H gives:

P ≈ ρc2
s ≈ ρ

GM(Rd)

R3
d

H 2

2
, (23)

so that

H ≈
√

2
c2

s,dR
3
d

GMd
≈ Rd

6
. (24)

2.2 BH accretion

The accretion theory of a point mass (i.e. a BH) in motion through
a uniform medium has been developed by Bondi 1952, Bondi &
Hoyle 1944, and Hoyle & Lyttleton 1939. The accretion rate Ṁ•

6This estimate neglects that a rigorous calculation of H should account for
the fact that the constant temperature and density vertical profile assumed
for the disk do not allow hydrostatic equilibrium to occur.

Figure 2. BH accretion rate Ṁ• from equation (25) (PR) compared to
the Bondi–Hoyle–Lyttleton (BHL) model equation (41). An ambient gas
density n = 105 cm−3, temperature T = Tvir = 104 K and M• = 100 M�
are assumed.

depends on both the BH–gas relative velocity,7 v•, and the gas
density, ρ. In practice, radiation emitted in the accretion process
limits the accretion itself by exerting a radiation pressure onto the
infalling gas. Hence, the maximum accretion rate achievable, ṀEdd,
is the one that produces the Eddington luminosity LEdd = 1.5 ×
1038(M•/M�) erg s−1.

To account for feedback-limited accretion, we build upon the re-
sults by Park & Ricotti (2013) (hereafter PR; see also Park & Ricotti
2011, 2012) obtained assuming spherically symmetric accretion and
a radiative efficiency η = L/Ṁc2 = 0.1. In their simulations, PR
find that the accretion rate is strongly dependent on v•, depending
on which three different regimes have been identified:

Ṁ• =

⎧⎪⎪⎨
⎪⎪⎩

0.01T
5/2

4 n
1/2
5 ṀB v• < cs

0.7 G2M2•
c3

s,in
ρ(v•/2cs,in)2 cs < v• < 2cs,in

G2M2•
c3

s,in
ρ(1 + v2

•/c
2
s,in)−3/2 v• 
 2cs,in,

(25)

where ṀB = πe3/2ρG2M2
• c−3

s is the Bondi rate, n = ρ/μmp, and
csin = (γ kBTin/μinmp)1/2 is the sound speed in the cometary-shaped
H II region around the BH. We assume μin = 0.6 (fully ionized
primordial gas) and Tin = 4 × 104K, corresponding to a spectral
index α = 2 if a single power law ν−α for the BH emission spectrum
is assumed (Park & Ricotti 2011). As can be appreciated from Fig. 2,
the accretion rate decreases by several orders of magnitudes as v• >

cs (i.e. the motion is supersonic with respect to the ambient medium),
when PR predicts the formation of a dense gas shell behind the
ionization front. The accretion rate has another discontinuity for
v• = 2csin , when the ionized layer becomes rarefied.

The previous formulae implicitly assume that the accretion flow
on the BH is spherically symmetric. However, under some condi-
tions, it is possible that in the vicinity of the BH the gas is funneled
into an accretion disk. The most important condition leading to
an accretion disk formation is that the captured material specific
angular momentum is larger than the one of the innermost stable

7In our approximation, the gas in the galaxy is static and v• coincides with
the BH velocity. Nevertheless, even if v• should account for the rotational
velocity of the gas disk, the wide range of simulated BH velocities (Section
2.4) covers the discrepancy from the BH–gas relative velocity.
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orbit JISCO = √
3crg for a Schwarzschild BH (rg = 2GM•/c2 is the

gravitational radius).
Although disk formation around a moving BH is still controver-

sial (see e.g., Chisholm, Dodelson & Kolb 2003; Davies & Pringle
1980 for arguments in favour of disk-like or spherical geometry,
respectively) we adopt a spherical accretion model on the basis of
the arguments given in Beskin & Karpov (2005). These authors
conclude that, for nearly any v•, neither ISM turbulent motions nor
density fluctuations can prevent the onset of a spherical accretion
regime. As an example of stellar-BHs disk-like accretion with the
PR accretion model, we nevertheless refer to Wheeler & Johnson
(2011).

2.3 Emitted spectrum

As the BH accretes and grows, part of the flow kinetic energy is
transformed into radiation. We start by noting that, in a spherical-
accreting plasma bremsstrahlung emission has been shown to occur
with a radiative efficiency η � 10−4 (Shapiro 1973), that is very
low compared with the one achievable in a disk-like accretion.8

Moreover, Shvartsman (1971) shows that for M• < 104 M� the gas
density in the accretion flow is so low that the cooling time is longer
than the free fall time.

For low accretion rates, the dominant radiative process is syn-
chrotron emission. Indeed, there is growing evidence that strong
magnetic fields are present in high-z galaxies (Bernet et al. 2008;
Robishaw, Quataert & Heiles 2008; Murphy 2009); they are thought
to be generated through turbulent amplification of weak, relic mag-
netic seed fields (Gnedin, Ferrara & Zweibel 2000; Sur et al. 2010;
Federrath et al. 2011; Banerjee et al. 2012), generated during the
very early stages of cosmic evolution (Turner & Widrow 1988;
Durrer & Neronov 2013). The evaluation of the emitted spectrum
is particularly complex, involving the calculation of the particle
energy distribution in the inflowing plasma.

The particle energy distribution is determined by the superposi-
tion of three contributions: adiabatic heating, synchrotron cooling,
and non-thermal heating, the latter being a consequence of the
Shvartsman (1971) equipartition theorem of thermal, gravitational,
and magnetic energy density. For this equipartition to be valid,
there must be a dissipation mechanism of the magnetic field, which
therefore is no longer frozen-in: the conductivity decreases, relative
motions between the magnetic field and the plasma develop, and
currents begin to flow and heat the gas. Such process dissipates
about 25 per cent of the rest energy of the infalling material (Beskin
& Karpov 2005) as a result of the formation of turbulent current
sheets that cause fast magnetic field lines reconnection and energy
release.9 About 10 per cent of the energy released in reconnection
events goes into excitation of plasma oscillations, whereas the re-
maining 90 per cent accelerates particles up to a maximum Lorentz
factor γ max � 105.

In conclusion, the total particle energy distribution10 can be ex-
pressed as the sum of a thermal and a non-thermal component:

f (R, γ ) = ft(R, γ ) + ζfnt(R, γ ) ∝ d2N

dRdγ
, (26)

8About 6 per cent for a Schwarzschild (i.e. non-rotating) BH to more than
30 per cent for a maximally rotating one (Thorne 1974).
9Magnetic reconnection is also invoked to explain solar flares.
10The distribution is not normalized and only the shape has physical mean-
ing.

where R = r/rg, and ζ expresses the ratio between the non-thermal
and thermal electrons densities:

nnt(R)

nt(R)
= ζ

fnt(R)

ft(R)
(27)

and f(R) = ∫
f(R, γ )dγ . For the derivation of an analytical expression

of ft and fnt, we refer the reader to Beskin & Karpov (2005).
Now consider a particle free-falling in the BH. Knowing the

(isotropic) emissivity of the particle in its own rest frame, jν′ , and
accounting for relativistic time contraction, gravitational redshift,
Doppler effect, and the fraction of the emission disappearing in
the event horizon, we can compute the single-electron emission
spectrum seen from an observer at infinity (Shapiro 1973). This is:

Le−
ν = 2π

∫ cos θ∗

−1
jν′

1 − β2

(1 − β cos θ )2 d cos θ erg s−1 Hz−1, (28)

where

| cos θ∗| =
√

1 − 27

4R2

(
1 − 1

R

)
(29)

is the event horizon angular size for a free-falling emitter
(Zel’dovich & Novikov 1971),

β = dr

dt

1

1 − rg/r
= v/c(

v2/c2 + 1 − rg/r
)1/2 (30)

is the free-falling velocity of the particle in the distant observer rest
frame, and the frequency shift is:

ν ′ = ν
1 − (v/c) cos θ√

1 − (v2/c2)(1 − 1/R)
. (31)

The synchrotron emissivity11 is (Rybicki & Lightman 1979):

jν =
√

3e3B

4πmec2
F

(
ν

νc

)
(32)

F (x) = x

∫ ∞

x

K5/3(ξ )dξ (33)

νc = 3γ 2eB

4πmec
, (34)

where K5/3 is the modified Bessel function, and

B = 8 × 104

(
105Ṁ•
ṀEdd

)1/2 (
M•

10 M�

)−1/2

R−5/4G (35)

for the Shvartsman equipartition theorem. ṀEdd = LEdd/c
2 = 2.7 ×

10−7(M•/100 M�) M� yr−1 is the Eddington rate.
With the electron energy distribution in equation (26), the accre-

tion flow emission spectrum is then:

Lν = 2
√

3π
r2

g

σT

(
Ṁ•

ṀEdd

)∫ ∞

1
dR

∫ ∞

1
dγ f (R, γ ) Le−

ν , (36)

where σ T is the Thomson cross-section and the dependence on
the BH mass is in the gravitational radius rg. This model predicts
the synchrotron emission of an accreting BH up to accretion rates
Ṁ• ≤ 10−4ṀEdd (Beskin & Karpov 2005). In the few cases in which
we derive larger accretion rates, we conservatively renormalize the

11We implicitly assume the particle velocity to be orthogonal to the mag-
netic field: in fact adiabatic compression increases only the perpendicular
component of the particle momentum.
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686 M. C. Orofino, A. Ferrara and S. Gallerani

Figure 3. Synchrotron spectrum (equation 36) emitted by gas infalling onto
a 100 M� BH for different values of the accretion rate Ṁ•.

spectrum so that the radiative efficiency η < 20 per cent. The spectral
energy distribution of a 100 M� BH for different accretion rates Ṁ•
is shown in Fig. 3.

2.4 BH dynamics

As discussed in Section 2.2, the accreted mass, �M, depends on the
gas density, ρ, and the BH velocity, v•, at each point along its orbit,
in turn determined by the galaxy gravitational potential produced by
the assumed matter distribution (Section 2.1). We start by writing
the equation of motion which yields the BH acceleration,

r̈ = −∇φ(r) − Ṁ•
M•

v•, (37)

where the gravitational potential, φ, is given by the Poisson equa-
tion: ∇2φ = 4πGρ. The gravitational potential contains contribu-
tions from two components: (a) the spherically symmetric distribu-
tion of the dark matter halo (potential φh), and (b) the baryonic disk
(φd). We neglect the subdominant contribution from the fraction of
uncollapsed baryons residing in the halo.

The halo-related potential is simply

φh(r) = −GM(r)

r
. (38)

To compute the potential of the second component we adopt a thin-
disk approximation, yielding

φ(r, z)d = −2πG

∫ ∞

0
J0(kr)
̂(k)e−k|z|dk, (39)

where J0(x) is the zero-th order Bessel function, and 
̂(k) =∫ ∞
0 J0(kr)
(r)rdr is the Hankel (or Fourier–Bessel) transform of


 (Toomre 1963). Finally, by combining equations (39) and (9) we
get

φ(r, z)d = −2πG
0R
2
d

∫ ∞

0

J0(kr)e−k|z|

[1 + (kRd)2]3/2
dk. (40)

The plot of the potentials for the two components, along with the to-
tal one, φ = φh + φd in the disk plane as a function of Galactocentric
radius, R, is shown in Fig. 4.

The trajectory of a particle in a given potential well is completely
determined by three parameters (reduced to two for spherically
symmetric problems). Given the initial conditions (IC), we solve

Figure 4. Total gravitational potential φ (red) as a function of Galactocen-
tric radius in the disk plane. Also shown are the disk (blue) and halo (green)
contributions. The vertical dashed line marks the disk scale length Rd.

Figure 5. Example of orbits in a spherical galaxy hosted by a Tvir = 104K
DM halo, starting from different initial conditions.

equation (37) using a leapfrog integration over a total integration
time,12 tmax = 300 Myr with a typical time step of dt = 103yr.

For the spherical case, we consider without loss of generality all
orbits to lie on a plane (x, y) perpendicular to the rotation axis z.
We initialize the BH position as x = r0, y = 0, with initial velocity
components vx = 0, vy = v0. The values of r0 and v0 are bound to
be 0 < r0 < rvir and 0 < v0 < vc, respectively. The second bound
implies that the initial velocity is smaller than the escape velocity in
equation (7), and the orbital period Tr � tmax. We verified that, with
these IC, the BH never enters in the accretion regime v• > 2csin (see
equation 25). Fig. 5 shows an example of BH orbits in a spherical
galaxy hosted in a Tvir = 104K halo, starting from r0 = 0.1 rvir and
v0 = [1, 0.1, 0.01]vc.

When a disk is present in addition to the halo, spherical symmetry
does not hold. Then we need to specify three, rather than two, orbital
parameters. These are: r0 = (x0, 0, x0tan α), v0 = (0, v0, 0). Unless
differently stated, we take the angle α = 0. For simplicity, and to
allow a direct comparison between the spherical and the disk+halo

12We recall that the age of the Universe is 5 × 108yr and 8 × 108yr at z =
10 and z = 7, respectively.
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Stellar BH growth galaxies 687

Figure 6. Left-hand panel: mass accreted in 300 Myr by a 100 M� BH
(spherical galaxy model) as a function of the orbital ICs (r0, v0). The yellow
dashed line corresponds to the sonic point at which v0 = cs; below (above)
the line the BH is subsonic (supersonic) corresponding to efficient (ineffi-
cient) accretion as shown in Fig. 2. Maximal accretion (�M � 10−7 M�) is
attained when the BH traverses at subsonic speed the central regions of the
galaxy; this mainly occurs for close subsonic ICs. Black contour lines join
points of equal �M (10−9 and 10−8 M� in this case). Right-hand panel:
same as left-hand panel but with radiative feedback turned off. Accretion
occurs at the standard BHL rate. �M � 10−3 M� is much higher than in
the model included feedback, but still negligible with respect to the initial
BH mass.

cases, no radial component of the initial velocity is considered in
this study.

3 R ESULTS

We applied the method described in Section 2.4 to evaluate the mass
accreted by a 100 M� BH as a function of time along its orbit. We
are in particular interested in assessing how the rate depends on the
IC of the motion and whether significant growth can occur. We have
investigated halo virial temperatures spanning the extended range
5000 < Tvir < 105K. However, we found very weak dependence of
the results on Tvir; for sake of brevity and in view of the conclusions
drawn, we then limit the following discussion to the case Tvir =
104K only.

3.1 Spherical galaxies

Our investigation allows a statistical description of the mass accreted
by the 100 M� BH during the integration time tmax = 300 Myr as
a function of the orbital ICs. We recall that this time span implies
that for a BH observed at z = 7 the accretion phase has initiated at
z = 10. For the spherical galaxy case analyzed in this section, the
results are summarized in the left-hand panel of Fig. 6.

The accretion rate is maximal when the BH moves at subsonic
speed into the densest central regions of the galaxy. However, even
under these favorable conditions we find that the mass gained during
the evolution is very limited, amounting to only 10−7 M�, certainly
insufficient to build a SMBH by z ≈ 7. In these cases, the mean
accretion rate is at most 〈Ṁ•〉 = �M/tmax < 10−8ṀEdd. The rest
of the parameter space, with ICs corresponding to central subsonic
orbits or distant supersonic ones, virtually does not allow any growth
(�M ≈ 10−10 M�).

It is interesting to check whether such BH inability to accrete
matter descends from feedback. The answer is encoded in the right-
hand panel of Fig. 6, in which we have repeated the same exper-
iment shutting off radiative feedback. A standard BHL accretion
rate (Bondi 1952; Bondi & Hoyle 1944; Hoyle & Lyttleton 1939),

ṀBHL = πe3/2 G2M2
•(

c2
s + v2•

)3/2 ρ, (41)

has been assumed in this case. Although indeed feedback causes a
quenching of the accretion rate by 3–4 orders of magnitude, even
neglecting its effects does not allow a sensible growth of the BH
(�M ≈ 10−3 M�). Thus, we can conclude that in galaxies not
developing a central disk condensation, BH growth is essentially
impossible. Hence, we next examine the disk galaxy case.

3.2 Disk galaxies

In principle, the high gas densities (up to n ≈ 103 cm−3) found in
the disk favour high accretion rates. However, the limiting factor to
such efficient accretion is the residence time of the BH in the disk.
The maximum accretion rate is expected for orbits in which the
residence time is 100 per cent; these are the orbits lying in the disk
plane (α = 0). The results of this particular case are shown in the left-
hand panel of Fig. 7. In this case, much larger accretion rates with
respect to the spherical galaxy case can take place, leading to a small
maximal mass growth �M ≈ 10−2 M�, so that the mean accretion
rate is at most 〈Ṁ•〉 = �M/tmax < 10−3ṀEdd. The low-�M region
in Fig. 6 is the combination of two closely related factors: (i) the
BH accretion is efficient (subsonic regime) for about 3 per cent of
the integration time, (ii) its trajectory crosses a density larger than
10−26 g cm−3 for 3 per cent of the time only. This region does not
appear in the disk case (Fig. 7) where, even if the accretion regime
is inefficient as well, the BH travels in denser (> 10−26 g cm−3)
regions for at least 20 per cent of the integration time.

If the orbit is instead inclined at an angle α with respect to the
disk plane the situation changes only slightly, as shown in Fig. 8.
We note that the BH trajectory is vertically contained in the bary-
onic disk if the inclination angle is αd = tan −1(H/Rd) ≈ 10o; thus,
smaller inclination angles give the same result as the α = 0 one.
Depending on the initial position and velocity, small (�3) variations
are predicted (Fig. 8) as a function of α. In particular, orbits starting
near the center with low velocity show an increase in �M for large
inclinations, since the BH spends a larger fraction of the integra-
tion time in an efficient accretion regime (as can be deduced from
equations 38 and 40, the BH experiences a stronger acceleration for
large inclinations).

As already noted, velocity seems to play the most important role,
with subsonic orbits leading to somewhat larger accretion rates and
mass growth, yet still largely insufficient to support the idea that
SMBH can grow out of stellar mass BHs orbiting in primordial
galaxies.

Finally, we discuss the case in which a standard BHL accretion
rate (equation 41) is assumed (Fig. 7, right-hand panel). As in the
spherical case, radiative feedback quenches accretion by 3–4 orders
of magnitude and, even if an increment �M ≈ 35 M� can be
achieved under the most favorable ICs, this is largely insufficient to
grow a SMBH from a 100 M� one.

4 EMISSION

Although we have seen in the previous Sections that, under the con-
ditions explored here, BH growth is extremely slow, it is neverthe-
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Figure 7. Same as Fig. 6 but for the disk galaxy case.

Figure 8. Relative mass increment for orbits at different inclination angle
α with the disk plane with respect to the orbit at α = 0 for different initial
conditions, (r0, v0) as shown in the inset.

less important to predict what level of radiative emission is produced
during the evolution. X-ray photons produced by early galaxies ion-
ize neutral atoms in the IGM, ejecting high-energy photoelectrons
that ionize or collisionally excite other atoms whose energy is even-
tually thermalized by scattering with other electrons. Such process
deposits 1/3 of the emitted energy as heat (Shull & van Steenberg
1985; Furlanetto & Stoever 2010; Valdés et al. 2007). This preheat-
ing of the neutral medium can leave well defined signatures on the
21-cm line power spectrum (e.g. Mesinger, Ferrara & Spiegel 2013;
Evoli, Mesinger & Ferrara 2014).

In this section, we want to clarify whether X-ray emission of
stellar BHs in primordial galaxies can produce detectable signature
on the 21-cm signal from the high-z Universe. We focus on the
disk galaxy case since accretion rates are larger, and consequently
emission is more conspicuous.

The number N• of stellar mass BHs in the galaxy can be esti-
mated assuming that stars form according to a Salpeter initial mass
function (IMF) φ(m) ∝ m−2.35 between 1 and 500M�. Stars with m
> 8 M� explode as supernovae with a frequency νSN ≈ 1/100 M�;
among them, those more massive than m > 25 M� leave a BH rem-
nant. According to Heger et al. (2002), stars with mass between 25
and 140 M� leave BHs between 2 and 100 M�, while stars heavier

Table 2. Mass distribution of the stellar BHs expected in a Tvir = 104K
halo at z = 10. The 98% sprouts in the (2, 100) M� interval, while only 2%
is heavier than 100 M�. Stars are assumed to form with a Salpeter (1955)
IMF and to leave a BH remnant according to Heger et al.(2002).

(m1, m2)(M�) (M1, M2)(M�) N•/N tot•

25, 140 2, 100 98%
260, 500 150, 500 2%

than 260 M� leave BHs up to 500 M�. Between 140 and 260 M�
theoretical forecasts predict stars to explode as pair-instability su-
pernovae, leaving no remnants.

With these assumptions, in a DM halo of virial mass Mvir = 2.9
× 107 M� (corresponding to Tvir = 104K) we expect a number of
BHs with mass between M1 and M2 (descendants of stars with mass
between m1 and m2):

N•(M1,M2) = M∗ νSN

( ∫ m2
m1

φ(m)dm∫ 500
8 φ(m)dm

)
, (42)

where M∗ = Mvir(�b/�m)f∗ ≈ 5 × 105 M� for a star formation
efficiency f∗ = 10 per cent. We find N tot

• ≈ 1000 BHs with mass
between 2 and 500 M�. Their mass distribution is shown in Table 2:
the majority of the BH population settles between (M1, M2) = (2,
100) M� and only 2 per cent is between 150 and 500 M�.

Sampling the IMF and using the results from Heger et al. (2002),
we assign a mass to this population of 1000 BHs and generated
the initial conditions of their motions in the galaxy (r0, v0, α)
stochastically. We followed their accretion rate Ṁ•(t) and integrated
equation (36) between [0.5, 8] keV, obtaining their cumulative X-
ray emission as a function of time (Fig. 9). The X-ray luminosity
flickers around a mean value of L̄X = 6 × 1036ergs−1, with the
spikes corresponding to passages through the densest parts of the
disk. We thus obtain the X-ray luminosity of stellar BHs per stellar
unit mass formed:

λX = L̄X/M∗ ≈ 1031erg s−1 M−1
� . (43)

To estimate the stellar mass formed at a given time, we assume
that the star formation rate (SFR) ψ of the galaxy rises with time as

ψ(z) = ψ0

(
1 − e−t(z)/τ

)
, (44)

where t(z) is the age of the Universe at redshift z with an unknown
timescale τ > 0 which parametrizes the uncertainty on the exact
shape of ψ(z). However, we set ψ0 so that, for each value of τ , the
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Figure 9. Cumulative [0.5 − 8] keV emission of a 1000 stellar black holes
sample hosted in the modelled galaxy as a function of time: it flickers around
a mean value of L̄X = 6 × 1036ergs−1, with the spikes corresponding to
passages through the densest parts of the Galactic disk.

Figure 10. [0.5–8] keV emission of the stellar BHs population (red shaded
region), compared to the one of the XRB (blue line), as a function of
redshift. XRB contribution at high-z relies on the polynomial law equation
(47) extrapolated up to z = 10. The error on BHs emission highlights the
uncertainty on the exact functional shape of the SFR ψ(z).

SFR is (Yue et al. 2015) 10−3 M�yr−1 at z = 10. It turns out that
even allowing τ to vary in a very broad range, the total stellar mass
in the galaxy is:

M∗ =
∫ 10

∞
ψ(z)dz ≈ (2 − 5) × 105 M�, (45)

consistent with f∗ = (M∗/Mvir)(�m/�b) ≈ 0.1, previously assumed.
In Fig. 10, we show (red shaded region) the expected BHs

[0.5, 8] keV luminosity obtained as

LX(z) = λXM∗(z). (46)

It is interesting to compare such luminosity with the one expected
from X-ray binaries (LXRB) in [0.5–8] keV in the same galaxy. The
local correlation with the SFR is (Mineo, Gilfanov & Sunyaev 2012;

Figure 11. Comparison between the BHs cumulative SED (equation 36)
and the XRB SED (Pacucci et al. 2014) at z=7. It is noteworthy that our
model predicts BHs to emit above 10 keV, where XRB spctrum is indeed
observed to crash. The pink shaded region corresponds to the energy interval
[0.5–8] keV.

Mesinger 2015):

L0
XRB = 3 × 1039 erg s−1

(
ψ

M�yr−1

)
, (47)

In general, high-z galaxies are believed to show a lower metallicity
which might lead to higher X-ray production efficiencies. Dijkstra
et al. (2012) (Lehmer et al. 2016) found that the local law (equa-
tion 47) evolves up to z = 3 (z = 7) as follows:

LXRB(z) ≈ L0
XRB(1 + z). (48)

In Fig. 10, the XRB emission is shown with a blue line.
To conclude, we show the BH and XRB contribution to the galaxy

SED at redshift z= 7 (Fig. 11); the red line represents the cumulative
synchroton spectrum of the BH population predicted by equation
(36); the blue line corresponds to XRB. According to Rephaeli,
Gruber & Persic (1995), Swartz et al. (2004), and Mineo et al.
(2012), the intrinsic XRB spectrum follows a power-law νLν ∝
να , with α ≈ 0.7–1.0 and a cut-off above 10 keV (Miyawaki et al.
2009; Bachetti et al. 2013). Following Pacucci et al. (2014), we
take α = 0.8 as the fiducial value; then we normalized the SED
so that it reproduces LXRB(z = 7) predicted by equation (48) with
ψ = 10−3 M� yr−1.

Figs 10 and 11 lead to the conclusion that X-ray emission from
stellar mass BH is comparable to that of XRB. Thus, the result
of this study suggests that the stellar BH energy input should be
included in IGM heating computations relevant to the HI 21-cm
line signal from cosmic dawn.

5 SUMMARY AND DI SCUSSI ON

We studied the accretion rate of a M• = 100 M� BH formed in
z = 10 galaxies under different conditions (e.g. galaxy structure,
BH initial position, and velocity). We modelled the galaxy baryonic
content and followed the BH orbit and accretion history for 300 Myr
(time interval between z = 7 and z = 10), assuming the radiation-
regulated accretion model by Park & Ricotti (2013). We analyzed
the mass increment �M of the BH in the integration time as a
function of the orbital parameters.
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We found that, within the limits of our model, the BH cannot
grow by more than 30 per cent; this suggests that simple accretion
on light-seed models are inadequate to explain high-z SMBH, and
strongly encourages further studies on heavier seeds candidates
and/or the occurrence of merging events.

We finally modelled the [0.5–8] keV emission from such stellar
BH population, providing an estimate of its cumulative luminosity
in this band. We further compute the expected emission from XRB
in the same band, concluding that the one from stellar mass BH is
lower than, but still comparable, with the one from XRB. Thus, the
result of this study suggests that the stellar BH energy input should
be included in IGM heating computations relevant to the HI 21-cm
line signal from cosmic dawn. A detailed prediction of the effects
of such X-ray emission on the 21 cm line power spectrum requires
a future dedicated study.

Our simple model can be improved in many ways by including,
e.g. disk formation around the BH, different (realistic) gas density
distribution and effects of dynamical friction on BH’s orbit, but it
seems that none of them are likely to change the conclusion we have
drawn in a substantial manner.

Concerning the formation of an accretion disk, we considered the
rapid BH growth under anisotropic radiation feedback by Sugimura
et al. (2017); it hypothesizes the BH to sprout and settle in the
center of the galaxy and grow at 55 per centṀB leading, in our case
to a BH of 122 M�. Almost the same mass increment results by
accounting for the presence of denser molecular clouds. Pallottini
et al. (2017), performed simulations of high-z galaxies to charac-
terize their internal structure, finding H2 concentrated in a disk-like
structure that is 0.01 per cent of the galaxy total volume and has
n ≈ 25 cm−3; this density does not lead to significant difference
with our former results. In any case, even if this density would rise
up to 105cm−3 (Solomon et al. 1987; Bolatto et al. 2008; McKee
& Ostriker 2007), �Mmax ≈ 23 M�. Since the nearer to the galaxy
center the denser is the gas, the effect of dynamical friction on the
orbit produces a slight increase of the accretion rate: we adopted
the model by Tagawa et al. (2016) for the acceleration due to the
dynamical friction on the BH and found out a double �Mmax with
respect to our naiver formulation.

To conclude, even assuming the stellar mass BHs to accrete at
the Eddington limit, they could grow up to 1 (2) order of magnitude
if the radiative efficiency is 0.1 (0.01); furthermore, applying our
Eddington limited accretion model to 104–106 M� BHs, we obtain
a mass increase of at most 30 per cent of their initial mass.

The solution to the problem of high-z quasars seems then to
require high mass seeds and merging/super-Eddington accretion
episodes. For what concerns merging, the results of the zoom-in
cosmological hydrodynamical simulation presented by Barai et al.
(2018) suggest that seeds growth is indeed dominated by direct
accretion. For what concerns super-Eddington accretion, several
authors have shown that it requires stringent and specific conditions,
as for example slim accretion-disks (Madau, Haardt & Dotti 2014;
Volonteri, Silk & Dubus 2015) or seeds to be anchored in a dense,
gas-rich star cluster (Alexander & Natarajan 2014).
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